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Abstract
We attempt to constrain the physical properties of the inner, gaseous disk of the Herbig Be star
BD+65 1637 using non-LTE, circumstellar disk codes and observed spectra (3700 to 10,500 A˚)
from the ESPaDOnS instrument on CFHT. The photoionizing radiation of the central star is
assumed to be the sole source of input energy for the disk. We model optical and near-infrared
emission lines that are thought to form in this region using standard techniques that have been
successful in modeling the spectra of Classical Be stars. By comparing synthetic line profiles
of hydrogen, helium, iron and calcium with the observed line profiles, we try to constrain the
geometry, density structure, and kinematics of the gaseous disk. Reasonable matches have been
found for all line profiles individually; however, no disk density model based on a single power-
law for the equatorial density was able to simultaneously fit all of the observed emission lines.
Amongst the emission lines, the metal lines, especially the Ca ii IR triplet, seem to require higher
disk densities than the other lines. Excluding the Ca ii lines, a model in which the equatorial
disk density falls as 10−10(R∗/R)3 g cm−3 seen at an inclination of 45◦ for a 50 R∗ disk provides
reasonable matches to the overall line shapes and strengths. The Ca ii lines seem to require a
shallower drop off as 10−10(R∗/R)2 g cm−3 to match their strength. More complex disk density
models are likely required to refine the match to the BD+65 1637 spectrum.
Subject headings: stars: pre-main sequence, stars: variable: T Tauri, Herbig Ae/Be, stars: individual
(BD+65 1637), stars: emission, Be, accretion disks, line: profiles
1. Introduction
Herbig Ae/Be (hereafter HAeBe) stars are pre-
main sequence A or B-type stars with emission
lines and an excess in their infrared spectral energy
distributions (SEDs). The emission lines, partic-
ularly the Balmer series of hydrogen, and the in-
frared excess can be attributed to circumstellar
dust and gas, the likely remnants of the star for-
mation phase (Herbig 1960; Finkenzeller & Mundt
1984; Waters & Waelkens 1998). Circumstellar
dust distinguishes HAeBe stars from the Classical
1Center For Planetary Science & Exploration, The Uni-
versity of Western Ontario, London, Ontario N6A 3K7
2Armagh Observatory, Armagh, Northern Ireland, UK
Be stars,1 whose infrared excess is solely due to
free-free emission from the ionized, dust-free gas
in a circumstellar decretion disk (Rivinius et al.
2013).
Being the precursors to the debris disks, such
as those around β Pictoris and Vega, HAeBe
stars make interesting subjects for studying disk
physics, as well as for understanding disk evolu-
tion in pre-main sequence stars (Perez & Grady
1997). HAeBe stars are also an important link be-
tween low and high mass star formation. High
1Classical Be stars are B-type, main-sequence stars that
show, or have once shown, one or more Balmer emission
lines in their spectrum.
1
ar
X
iv
:1
51
1.
06
49
7v
1 
 [a
str
o-
ph
.SR
]  
20
 N
ov
 20
15
mass, O-type stars form at the centers of very
dense clusters and involve complex environments.
The formation of such stars is currently poorly un-
derstood (Larson 2003). In addition, such stars
spend their pre-main sequence life in a deeply em-
bedded state before becoming optically visible as
main-sequence objects, hence depriving us of the
opportunity to observe the early phase of star for-
mation (Zinnecker & Yorke 2007). In contrast,
Herbig Be stars (HBe hereafter), despite forming
in complex and dense environments, may become
optically visible just before they reach the Zero
Age Main Sequence (ZAMS) as they spend com-
paratively longer in the pre-main sequence (PMS,
hereafter) phase compared to their higher mass
counterparts. This not only aids in the under-
standing of the formation process of intermediate
mass HBe stars, but can also help to bridge the un-
derstanding of the star formation process between
low mass T Tauri stars2 and high mass, O-type
stars.
Knowledge of the physical conditions in the
disks around HAeBe stars has been steadily in-
creasing. The disk material is inherited by the
star from its parent molecular cloud. Near-IR and
millimeter interferometric observations (see the re-
view by Kraus (2015) and references therein) have
been instrumental in providing strong evidence for
circumstellar disks around HAeBe stars. The disk
can extend to 100s of AUs and disk temperatures
can vary from a few 10s K to 1000s K (Dulle-
mond & Monnier 2010). These disks have been
studied extensively at far-infrared and millimeter
wavelengths for cooler dust species such as PAHs
(Polycyclic Aromatic Hydrocarbons), iron oxide
grains, and silicates (crystalline and amorphous)
to understand the evolution of these species in
the disk (Waters & Waelkens 1998). Near and
mid-infrared wavelengths have been used to study
molecular gas and warm dust in regions closer to
the star.
Vink et al. (2002), Mottram et al. (2007),
and Vink (2015) have shown that there exists
a difference in polarization between Herbig Ae
2T Tauri stars are pre-main sequence stars, with masses less
than 2.5 M, which show Balmer emission lines in their
spectrum and an excess in their infrared SEDs, interpreted
as gas and dust in form of a circumstellar disk. The most
massive T Tauri stars will later become main-sequence A-
type stars.
(hereafter HAe) and HBe stars, especially early
B-type stars. Vink et al. (2002) first noticed that
while all HAe stars show intrinsic linear polar-
ization consistent with magnetospheric accretion,
most HBe stars show line-depolarization which
is consistent with disk accretion. HAeBe stars
show photometric variability ranging from days
to months to years (Herbig 1960; Finkenzeller &
Mundt 1984), and various models such as non-
radial pulsation, accretion, etc, have been sug-
gested for their occurrence (Catala 1994). Van
den Ancker et al. (1998) and Mendigut´ıa et al.
(2011) have shown that HAe stars show large
to moderate variations in magnitude (>2m.5)
while HBe stars show low to moderate variations
(<0m.5). The differences between the variations
has been suggested to be due to different accretion
mechanisms. In addition, Cauley & Johns-Krull
(2014) studied He i (λ 10830)3 in a sample of
HAeBe stars and noticed that HBe stars show
blue shifted absorption features while HAe stars
show both blue and red shifted absorption fea-
tures. This difference indicates that HBe stars
show little evidence of infalling material, while
HAe’s show a higher level of mass flow activity,
suggesting the action of different mechanisms. A
recent study by Fairlamb et al. (2015) of UV
excess of a large set of HAeBe stars showed that
early-type HBe stars cannot be modeled success-
fully using the magnetospheric accretion, again
hinting of an alternate mode of accretion.
Alecian et al. (2008, 2013) studied a large set of
HAeBe stars and found that less than 10% of them
show evidence of large scale magnetic fields. Pos-
sible causes for a lack of large scale magnetic fields
for the HAe and HBe stars are either a very small
convective core or completely radiative envelope,
neither of which generate large scale magnetic
fields (Alecian 2014). Accretion via a magneto-
sphere is fairly well established for T Tauri stars
(see reviews by Bouvier et al. (2007) and Go´mez
de Castro (2013)) but whether or not the same
mechanism applies to HAeBe stars is still an open
question. With the differences in the polariza-
tions and the lack of large scale magnetic fields,
the mechanism at work for accretion in HBe stars
is still a mystery.
3All wavelengths are in A˚ in this study unless otherwise
stated.
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2. Disk Structure
2.1. Atomic Gaseous Disk
Close to the star, one expects regions with high
temperatures that would destroy any dust and cre-
ate a dust-free zone. Further away, the tempera-
ture is cool enough for dust to exist, and in the
region favorable for dust, one either finds a thick
wall of dust, sometimes called a dust rim, or a
smooth transition to dusty disk at the dust subli-
mation radius (see Dullemond & Monnier (2010)
for a review). Monnier et al. (2005) suggest that
if an optically thin gas exists in the dust-free zone,
a wall of dust is expected as direct radiation from
the star will enhance the scale height of the dust
rim or puff up the inner disk wall. If an opti-
cally thick gas exists, then the transition to dust
is smoother.
As dust evaporates above ∼1500K, the portion
of the disk closest to the star is likely to be com-
pletely gaseous due to high temperatures resulting
from the star’s UV radiation. Depending on the
distance from the central star and the stellar radi-
ation, HBe disks can be divided into atomic gas,
molecular gas, and dust. The expected structure
of such a disk is illustrated in Figure 1. The in-
ner gaseous region extends from, perhaps, 0.1 AU
to a few AUs (∼ 100R∗) in size, and tempera-
tures can reach to 1000s K. Optical and Near-IR
(NIR, hereafter) atomic lines are used to study
this hot, atomic gaseous region. The disk region
beyond the gaseous disk receiving direct radiation
from the star are expected to have a thin surface
layer with atomic gas; hence, the emission seen
in the spectrum can arise from a large extended
area. In the region beyond the atomic gaseous
disk, where the temperatures are cooler, molecular
gas is expected. As the temperature decreases, the
molecular gas condenses into dust and a mixture
of warm dust and molecular gas is expected. NIR
molecular emission lines and NIR/Mid-IR (MIR,
hereafter) interferometry is used to understand the
structure of this region. Beyond this region, cooler
gas and dust are detected using millimeter and
submillimeter interferometry. The region beyond
the atomic gaseous disk can range anywhere in size
from 0.1 to 100s of AUs, including the dusty disk.
The outer, dusty region of the disk is well studied,
but currently very little is known about the inner,
gaseous region.
Several studies have suggested that HBe stars
can be compared to Classical Be stars (see Hamann
& Persson (1992a); Mottram et al. (2007)) in
their circumstellar disk and structure. Hillenbrand
et al. (1992) noticed that some of the HAeBe stars
in their sample show a small IR excess, comparable
to that seen in Classical Be stars. Like early-type
HBe stars, Classical Be stars are known to show
depolarization (see Rivinius et al. (2013)). In
addition, similarities such as the Hα equivalent
width distribution, fast rotation speeds (i.e. high
v sini), photometric variability, and slow outflow
velocities further connect the Classical Be and
HBe stars (Bo¨hm & Balona 2000). Hence, using
models that have been well established for Clas-
sical Be stars would make a good first step in
understanding the inner, atomic gaseous disks of
HBe stars.
2.2. Molecular Gas & Dust Disk
Several studies of molecular gas using tracers
such as Brγ ( Mendigut´ıa et al. (2011); Calvet
et al. (2004)) and CO (e.g. Ilee et al. (2014,
2013); Wheelwright et al. (2010)) have been con-
ducted, probing the relatively warm region of the
disk where these emission lines are thought to orig-
inate. Ilee et al. (2014) studied CO overtone emis-
sion and strongly suggests that the emission orig-
inates from a small gaseous disk inside the dust
sublimation radius that follows Keplerian rota-
tion. This hints at the process of classical disk
accretion where material is thought to be trans-
fered from the disk directly onto the star through
an equatorial disk.
Monnier & Milan-Gabet (2002) and Millan-
Gabet et al. (2007) noticed that most HBe stars
have a smaller dust sublimation radius (Rrim)
than predicted by the luminosity-size (Rrim ∝
L
1/2
∗ ) relationship developed for the T Tauri and
HAe stars. Monnier & Milan-Gabet (2002)
suggest that the smaller size of the gaseous disk
around HBe stars may be due to optically thick
gas absorbing the UV radiation, allowing the dust
to exist closer to the star. Eisner et al. (2004) was
able to fit an inner rim model to a flat disk with op-
tically thick gas to 2.2 µm observations for higher
mass stars. Alonso-Albi et al. (2009) showed that
the disks around HBe stars are 5-10x less massive
than those of lower mass counterpart HAe and T
Tauri stars and proposed that strong UV radiation
3
Fig. 1.— Inferred structure of the disk around HBe stars. Close to the star, partially ionized, atomic gas
is expected. The size of this region may extend anywhere from 0.01 AU to a few AUs. This region can be
studied using optical and near-infrared spectral lines. As the temperatures cool in the disk, molecular gas
and dust is expected. The size of this outer disk ranges from 0.1 to 100s of AUs. The transition between
atomic and molecular gas occurs at around a few AUs. The molecular gas and dust found beyond the atomic
gaseous disk is represented by brown, and this region can be studied using variety of different methods such
as molecular lines and NIR/MIR interferometry. It is important to note that this image is not to scale.
Image Credit: Ami Patel
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from the hot, central star evaporates and disperses
the gas, leaving behind a small dusty disk. Finally,
the gas in the circumstellar disk is seen to follow
Keplerian rotation, as found by Mannings & Sar-
gent (1997, 2000) using millimeter interferometric
measurements.
2.3. Emission Lines
By definition, all HAeBe stars show emission
lines in their spectra which can be used to trace
the structure and processes in the disk. Hamann &
Persson (1992a) show that the spectra of HAeBe
stars are very similar to those of T Tauri stars;
however, they note that the similarity of the spec-
tra does not mean that the formation mechanism
of the lines is the same. The higher stellar tem-
peratures of the HAeBe stars can change both the
mechanisms and the extent to which the gas is
excited due to the intense stellar radiation field
experienced by the disk gas.
Only a few studies have qualitatively mod-
eled the permitted emission lines seen the visible
and NIR part of the spectrum. Cohen & Kuhi
(1979), Finkenzeller & Mundt (1984), Hamann
& Persson (1992a) and Bo¨hm & Catala (1995)
investigated emission lines such as Hα, the Ca ii
IR triplet (λ 8498, λ 8542 & λ 8662) and several
Fe ii lines and interpreted them as revealing chro-
mospheric and wind activity in these stars. More
recently, He i (λ 10830) has been used as a tracer
of mass flow activity by Cauley & Johns-Krull
(2014). In addition to permitted emission lines,
forbidden emission lines are found to be present
in HAeBe stars, and Corcoran & Ray (1997) have
shown that these lines may arise from the winds
and outflows.
Finkenzeller & Mundt (1984) showed that
the Hα line in HAeBe stars can be divided into
three groups based on the line profile morphol-
ogy, namely single-peaked, double-peaked and P-
Cygni line profiles. More than 50% of the stars
studied showed a double-peaked Hα profile, while
the rest were divided equally into single-peaked
and P-Cygni profiles. Finkenzeller & Jankovics
(1984) note that all Balmer lines exhibit the same
line shape as Hα, with the strength of the line
decreasing from Hα to Hγ. Hα has been widely
used for wind diagnostics studies of Herbig Ae/Be
stars (Finkenzeller & Mundt 1984; Corcoran &
Ray 1998) and polarization (Vink et al. 2002;
Vink 2015).
Hamann & Persson (1992a) and Hamann
& Perrson (1992b) investigated the Ca ii triplet
emission in HAeBe stars: 71% of their HBe stars
showed the Ca ii IR triplet lines in emission. They
showed that if the excitation is same in all the
stars, Ca ii requires denser and/or thicker regions
in hotter stars (see their Figure 8). They also
noted that due to high stellar temperatures and
the double-peaked line profiles, the formation of
the Ca ii lines would happen away from stellar sur-
face in a disk like those possessed by Classical Be
stars and in a very small, ring-like structure close
to the star. They also showed that there is a cor-
relation between Ca ii luminosity and IR excess in
these stars and concluded that Ca ii emission lines
are somehow related to the presence of a disk.
Bo¨hm & Catala (1995) studied non-photospheric
lines such as the Hα, the Ca ii IR triplet, and He i
(λ 5876). They concluded that the energy fluxes
for these lines increase with the effective temper-
ature and suggest that the origin of the emission
in the lines is further away from the layer between
the disk and the stellar surface. Her´nandez et al.
(2004) found that 33% of their sample showed
emission in Fe ii multiplets and also noticed that
the equivalent width (EW, hereafter) of one of the
Fe ii lines, Fe ii multiplet (42) (λ 5169), is corre-
lated with the equivalent width of Hα and seems
to be present only when [O i] (λ 6300) also appear
in the spectrum.
2.4. Overview
Differences in polarization, magnetism, and
spectral lines between HAe and HBe stars suggest
the possibility of a different accretion mechanisms
at work. The accretion mechanism may be con-
strained by studying material very close to the
star, determining its structure and kinematics.
As high temperatures are expected close to the
star, we chose emission lines that form outside the
stellar photosphere and require high temperatures
to be excited. Modeling these lines and investi-
gating what kind of disk density structure they
require will allow us to qualitatively understand
the regions close to the star.
In this work, we model emission lines thought to
be produced in the inner gaseous disk of one HBe
star, BD+65 1637, using observations from CFHT
5
ESPaDOnS. Section 3 describes the observations,
reduction methods, and the emission lines found
in the spectrum. The details of the models can
be found in Section 4, and results of the modeling
for each emission line can be found in Section 5.
The uniqueness of the models is discussed in Sec-
tion 6. The paper concludes with a discussion in
Section 7, and a summary of key findings in Sec-
tion 8.
3. BD+65 1637
BD+65 1637 (V* V361 Cep) is a B2e star of vi-
sual magnitude 10.83 in the young cluster NGC
7129 (Straiz˘ys et al. 2013; Dahm & Hillenbrand
2015). BD+65 1637 was identified as HBe star
by George Herbig in his first paper on Herbig
stars (Herbig 1960) and noted to a have spectrum
very much like that of a Classical Be star. Hillen-
brand et al. (1992) studied the star’s spectral en-
ergy distribution (SED) which showed a small in-
frared excess, and they classified it as very similar
to Classical Be stars. The assigned spectral type
has varied in the literature from B2 to B5 (see Her-
big (1960); Strom et al. (1972); Finkenzeller &
Mundt (1984); Finkenzeller (1984); Hillenbrand
(1995)). Here, we will adopt the stellar param-
eters and their uncertainties from Alecian et al.
(2013), reproduced in Table 1.
Table 1:: Stellar parameters for BD+65 1637
Parameter Value
Spectral Type B2e
Teff (K) 18000±1000
log g (cgs) 4.0
Radius (R) 6.7±0.7
Mass (M) 8.11+0.24−0.23
Distance (pc) 1250±50
v sini (km s−1) 278±27
All the values for the parameters as well as
their uncertainties are taken from Alecian
et al. (2013).
3.1. Observations
The observational data were obtained in 2006
(HJD-2453898) using the high-resolution spec-
tropolarimeter ESPaDOnS at the Canada-France-
Hawaii Telescope. Additional spectra are also
available from the Narval spectropolarimeter at
the Te´lescope Bernard Lyot, obtained in 2009
(HJD-2455099). Both spectropolarimeters cover
the wavelength range from 3700 to 10500 A˚ with
a spectral resolution of 65,000. The peak SNR
per CCD pixel at 7300 A˚ was 237 for ESPaDOnS
spectrum and 276 for Narval spectrum.
BD+65 1637’s CFHT spectrum can be seen in
Figure 2. The spectrum not only contains strong
Balmer line emission, Hα and Hβ, but also emis-
sion in many metal lines such as those from cal-
cium, oxygen and iron. In addition to the two
strong Balmer lines, we will investigate one of the
three Ca ii infrared triplet lines (λ 8542), two Fe ii
lines (λ 5169 of multiplet 42 and λ 5317 of multi-
plet 49) and one He i line (λ 6678). The He i line is
seen in absorption and is used to estimate stellar
properties such as the v sini of the star. A detailed
profile of each line can be found in Figure 3.
The Balmer lines, Hα and Hβ, are the strongest
emission lines in the optical/NIR spectrum of
BD+65 1637, as illustrated in Figure 2. For
BD+65 1637, the equivalent width of the Hα
lines has been noted to vary from -45 A˚ to -
28 A˚ (Her´nandez et al. (2004), Ferna´ndez et al.
(1995), Finkenzeller & Mundt (1984) and Gar-
rison & Anderson (1977)). In the 2006 CFHT
spectrum, the EW measured for Hα is -26.2 A˚
and for Hβ, -0.92 A˚. The EW for Ca ii IR Triplet
(λ 8542) is measured to be -4.0 A˚. The two Fe ii
lines, λ 5169 and λ 5317, were chosen for this study
as they are in different multiplets, and their EWs
were measured to be -0.58 A˚ and -0.40 A˚. Fe ii
λ 5169 is in multiplet 42 (a6S − z6P ◦) and Fe ii
λ 5317 is in multiplet 49 (a4G − z4F ◦), although
it is blended with a weaker line from multiplet
48.4 Both of these lines have low excitation en-
ergy. He i (λ 6678) is in absorption, and the EW
was measured to be 0.33 A˚.
A comparison between the CFHT and Narval
spectra, taken approximately three years apart,
can be seen in Figure 3. Some variation in the
spectral lines is seen, most notably in the metal
lines and V/R ratio, with a strong red compo-
nent in Narval (2009) observations. The similar-
4While both multiplets arise from the a4G lower level, the
∆ji value of the multiplet 48 component is 6.5 times smaller
than the multiplet 49 component.
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Fig. 2.— The observed spectrum for BD+65 1637 (Alecian et al. 2013). The spectrum shows many emission
lines, such as the hydrogen Balmer lines, Hα (λ 6563) and Hβ (λ 4861), the Ca ii IR-triplet lines (λ 8498,
λ 8542 and λ 8662) and the Fe ii lines (λ 5169 of multiplet 42 and λ 5317 of multiplet 49). The strength of
the lines vary over a large scale, particularly for Hα as seen in the vertical scale of each subplot.
ity in the He i (λ 6678) absorption line, in contrast
to variations in the Balmer and metal lines, con-
firms that the Balmer and metal emission lines
arise from material outside the star and that the
disk structure varies over time. For the analysis of
this paper, only the 2006 CFHT ESPaDOnS data
was used.
Hα, Hβ, and both the Fe ii lines (λ 5169
and λ 5317) show double-peaked profiles, with a
stronger red component (R) when compared to
the blue component (V). All the non-photospheric
lines included in this study show changes in the
V/R ratio over time (see Figure 3). Classical
Be stars are known to show V/R line variability
which is interpreted as caused by a one-armed,
global disk oscillation (for details see the review
by Rivinius et al. (2013)). This effect has not
been included in the model here, and hence the
synthetic line profiles cannot fit both peaks of a
line profile simultaneously.
3.2. Reduction of Spectra
In order to compare observed and modeled line
profiles, the observed spectra needed to be contin-
uum normalized. The unnormalized data obtained
from CFHT (and Narval) were separated into spe-
cific wavelength windows that included the emis-
sion lines of interest. Each wavelength window was
continuum normalized using IRAF. 5 The function
and order used for normalization varied from one
spectral window to another; ‘Legendre’ and ‘cubic
spline’ functions and low-order polynomials were
generally used in the process.
The Ca ii infrared triplet lines (λ 8498, λ 8542
and λ 8662) are blended with the hydrogen
Paschen series. In order to compare with synthetic
line profiles, the Paschen line must be subtracted
from the Ca ii line. This was done by taking an
average of the two nearest, unblended Paschen
lines and then subtracting the average from the
Ca ii line. Figure 4 illustrates all the three lines
before the procedure of subtraction (on the left)
and after the process of subtraction (on the right)
in the CFHT spectrum. It can be seen that the
5IRAF is distributed by the National Optical Astronomy
Observatories, which are operated by the Association of
Universities for Research in Astronomy, Inc., under coop-
erative agreement with the National Science Foundation.
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Fig. 3.— The CFHT ESPaDOnS observations (blue) are over-plotted with Narval observations (red) for each
individual line. The ESPaDOnS observation was obtained in 2006 (HJD-2453898) at Canada-France-Hawaii
Telescope, and the Narval observations were taken in 2009 (HJD-2455099) at the Te´lescope Bernard Lyot.
Except for He i (λ 6678), all the lines show variations with time.
subtraction process decreases the strength of the
Ca ii line, and the resultant line profile is double-
peaked with a stronger red peak.
An example of the subtraction process is illus-
trated in Figure 5, where the average of Paschen
14 (P14, λ 8596) and Paschen 17 (P17, λ 8467) is
subtracted from the blended Ca ii λ 8542 line to
extract the unblended Ca ii profile. For the rest
of the paper, the resultant Ca ii line profile (seen
in the right hand side panel of Figure 5) will be
used. All the lines are adjusted for the stellar ra-
dial velocity. The radial velocity required for the
line shifts was measured using the center of He i
(λ 6678), which was measured to be −17.1 km s−1
for the CFHT spectrum and −4.1 km s−1 for the
Narval spectrum. Both the values are within the
range of −26± 20 km s−1 measured by Alecian et
al. (2013).
4. Modeling
To calculate the thermal structure of the equa-
torial, non-accreting, gaseous disk surrounding the
central B star, the Bedisk code (Sigut & Jones
2007) was used. This code calculates the temper-
ature structure of the disk, given a user-defined
density structure, by enforcing radiative equilib-
rium in a gas of solar composition. The energy
input into the disk was assumed to be solely from
the photoionizing radiation field of the central star.
The microscopic rates of heating and cooling were
balanced to determine the temperature at many
grid points in the disk. The disk was assumed to
be axisymmetric and in Keplerian rotation about
the central star.6 Bedisk includes nine abundant
elements (H, He, C, N, O, Mg, Si, Ca and Fe) over
many ionization stages in the determination of the
radiative equilibrium temperatures. The atomic
level populations, required for the calculation of
the heating and cooling rates, as well as for use
later in computing emission lines, were obtained
by solving the statistical equilibrium equations in
an escape probability formalism (see Sigut & Jones
(2007) for details).
The user defined density structure of the disk
(g cm−3) was taken to be specified by the param-
eters ρ0 (base disk density) and n (radial power
6No wind from the central star has been included in the
calculations.
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Right: The Ca ii IR Triplets after subtraction of Paschen lines. The black solid line denotes 0 km/s radial
velocity.
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Fig. 5.— Left : One of the Ca ii triplet lines (λ 8542), seen in red, along with the Paschen 14 (P14, λ 8596)
in green and Paschen 17 (P17, λ 8467) in blue. Right : The resultant Ca ii line profile after subtraction of
the average of the Paschen lines. The different scales on the y-axis should be noted.
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law index) in the equation
ρ(R,Z) = ρ0
(
R∗
R
)n
e−(
Z
H )
2
, (1)
where R and Z are the cylindrical co-ordinates for
the disk, R∗ is the stellar radius, and H is the disk
scale height. In all our models, the disk extends
from the stellar photosphere (R starts at R∗) out
to a radius of Rdisk.
If the vertical density structure of the disk is de-
termined solely by gravitational equilibrium (the
disk is rotationally supported in the R direction),
then the scale height has the form
H = β(THE)
(
R
R∗
)3/2
, (2)
where
β(THE) =
√
2kTHER3∗
GM∗µMH
. (3)
Here, M∗ is the mass of the star, µ is the mean
molecular weight of the gas in the disk (taken to
be 0.68), and THE is the hydrostatic equilibrium
temperature assumed for the disk. This hydro-
static temperature is used solely for setting the
vertical scale height of the disk, and typically in
Classical Be stars, one takes THE ≈ 0.6Teff . A
self-consistent treatment, in which the radiative
equilibrium disk temperatures are used in the cal-
culation of the vertical hydrostatic equilibrium, is
possible (see Sigut et al. (2009)), but that has
not been used here. In the present work, vary-
ing THE allowed the scale height of the disk to be
varied. Finally we note that vertical gravitational
equilibrium predicts a flaring disk, H ∝ R3/2.
The assumption of vertical hydrostatic equilib-
rium produces a very thin disk near the star. From
Eqn. 3, it is easy to see that the the ratio H/R can
be expressed as
H
R
=
cS
VK
, (4)
where cS is the local sound speed and VK is the
Keplerian orbital velocity. As the orbital velocity
is typically hundreds of km s−1 while the sound
speed is on the order of 10 km s−1 for the disk
temperature, the disk is predicted to be geomet-
rically thin with H/R  1. Such thin disks have
been very successful in interpreting observables in
Classical Be stars,7 but their application to HBe
stars is less clear. For this reason, we also consid-
ered disk density models with an enhanced scale
height, achieved by setting the THE temperature
to be 5Teff , a factor of nearly 10 over the gravi-
tational equilibrium value. We will refer to these
models as thick disk models. Note that for the
same disk density parameters, ρ0, n, and Rdisk,
the thick disk models are a factor of
√
5/0.6 more
massive, as the total disk mass is proportional to
the scale height.
Finally, we considered one additional modifica-
tion to the basic disk model discussed above, al-
though it is not an alteration to the density struc-
ture. In Classical Be stars, there is some evidence
that the α viscosity parameter required in hydro-
dynamical models of disk formation and dissipa-
tion is ≈ 1 (Carciofi et al. 2012). One possi-
ble interpretation of this result is that of sonic
turbulence in the disk, i.e. ν = α cS H ∼ cS H.
For this reason, we have also considered models in
which the disk is assumed to have a microtubur-
bulent velocity equal to the local sound speed.
Microturbulence is a concept from classical stel-
lar atmospheres that represents the dispersion of
an assumed Gaussian distribution of turbulent ve-
locities on scales smaller than unit optical depth.
In this case, the turbulence acts to broaden the
atomic absorption profile and hence is easily in-
corporated as an increase in the Doppler widths of
radiative transitions. In our models, we assumed
that the microturbulence value was either zero or
equal to the local sound speed. These latter mod-
els will be referred to as turbulentdisks.
The temperature structure and atomic level
populations computed by Bedisk are input into
the code Beray (Sigut 2011), which can compute
observables such as line profiles, spectral energy
distributions (hereafter SEDs) and monochro-
matic images in the sky. This is done by solving
the equation of radiative transfer along a series of
rays (≈ 105) that pass through the star+disk sys-
tem directed at the observer. Rays that terminate
on the stellar surface use a Doppler-shifted photo-
spheric (LTE) line profile for the initial boundary
7There has been some evidence in the support of larger disk
scale heights (see Sigut & Patel (2013); Arias et al. (2006);
Zorec et al. (2007)).
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Table 2:: Explored model parameters for disk of
BD+65 1637.
Parameter Range
Base Disk Density, ρ0 (g cm
−3) 10−8...10−13
Power Law Index, n 0.5...3.0
Inclination, i (◦) 18...75
Disk Radius, Rdisk (R∗) 25...100
condition, while rays that pass entirely through
the disk assume no incident radiation. Note that
the Beray calculation adds an additional param-
eter, namely the viewing inclination of the system
(i = 0◦ for a pole-on star face-on disk, and i = 90◦
for an equator-on edge-on disk). Inclinations from
i = 18◦ to i = 75◦ were computed. Finally, the
computed spectral lines were convolved down to
the instrumental resolution before comparing to
the observed spectra.
4.1. Classical Be Stars and the Beray and
Bedisk Codes
Bedisk and Beray are non-LTE radiative
transfer codes constructed specifically for Clas-
sical Be stars and their ionized, gaseous decretion
disks. Many studies, such as Silaj et al. (2014)
and Silaj et al. (2010), have been able to success-
fully model the structure of the gaseous disk by
comparing synthetic and observed Hα lines. Sigut
(2011) has shown that such models based on Hα
are also able to correctly predict observed Fe ii
lines in the spectra of these stars. These mod-
els have also been able to reproduce the observed
correlation seen between Hα and long term vari-
ations in visual magnitude, which are interpreted
as formation and dissipation of the disk over a
long periods of time in Classical Be stars (Sigut
& Patel 2013). Observed IR line fluxes (Jones et
al. 2009; Halonen et al. 2008) as well as optical
and near-IR interferometry (Jones et al. 2008;
Tycner et al. 2008; Mackay et al. 2009; Grzenia
et al. 2013; Sigut et al. 2015) computed with Be-
disk and Beray models, have been used to put
constraints on the several Classical Be star disks.
Several authors, such as Carciofi et al. (2009,
2007, 2006), studied the Classical Be stars α Eri,
ζ Tau and δ Sco by fitting viscous decretion disk
models to the observed Balmer lines, SEDs, and
polarization measurements. Silaj et al. (2010)
studied 56 Be stars and successfully fit the ob-
served Hα profiles to Bedisk models. Many indi-
vidual stars, such as χ Oph (Tycner et al. 2008),
κ Dra, β Psc, υ Cyg (Jones et al. 2008), and o
Aqr (Sigut et al. 2015) have been studied spec-
troscopically as well as interferometrically, and are
found to match a density model similar to the one
adopted in this study. All of these mentioned stud-
ies, as well as several others, have fit the observed
line profiles well with power law index (n) rang-
ing from 2 to 4, typically 3.5, and the disk base
density varying between 10−10 and 10−12 g cm−3
(Rivinius et al. 2013).
Given the noted similarities between HBe and
Classical Be stars (Hamann & Persson 1992a;
Bo¨hm & Balona 2000; Mottram et al. 2007), a
good starting point for the modeling of the emis-
sion spectra of HBe stars is using codes that have
successfully been able to reproduce emission lines
from the gaseous disks of Classical Be stars. The
analysis can give insights on the regions where the
lines are being formed, the mass of the disk, and
the temperature and density structure of the emit-
ting regions.
5. Results
Large libraries of synthetic line profiles were
calculated for Hα, Hβ, the Ca ii IR triplet
(λ 8542), Fe ii (λ 5169,λ 5317)8, and He i (λ 6678)
for disks surrounding a B2 star using combina-
tions of the disk density parameters listed in Ta-
ble 2. Values of the disk base density parameter,
ρ0, ranged from 10
−13 to 10−8 gm cm−3, and the
power-law index n ranged from 0.5 to 3.0. Three
different sized disks were considered, Rdisk=25,
50 and 100 R∗; thus, the largest disk considered
has an outer diameter of 3.1 AU. This range of
disk density parameters and disk sizes includes
the range of values typically found for Classical
Be stars, as noted above, but with an extension to
more massive disks (i. e. higher ρ0 and/or lower n).
All synthetic line profiles were calculated at view-
ing inclinations of 18◦, 45◦, 60◦ and 75◦, which
8For Fe ii 5317, only the multiplet 49 component was in-
cluded.
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represent the centers of the first four bins of five
equal-area bins in a random sin i distribution.
Each observed line profile was compared to its
synthetic library by computing a figure-of-merit,
F , defined as
F ≡ 1
N
N∑
i=1
|FModi − FObsi |
FObsi
, (5)
where FObsi is the observed relative flux, F
Mod
i is
the model relative flux, and the sum is over the
N wavelength points spanning the line. In per-
forming this sum, a range of small shifts to the
observed wavelength scale was also tried, within
the errors of the star’s radial velocity. The small-
est value of F was deemed to define the best-fit
model for that feature, although all profiles with
small values of F were visually inspected. In ad-
dition, the disk density parameters of profiles that
fit the observed profiles almost as well as the best-
fit model were also examined, and this point, con-
cerning the uniqueness of the fits ,will be discussed
in Section 6.
While the minimum of F for a given line, say
FHα, defines the best fit for that particular line,
it is not guaranteed that the best fit model for
all lines will result in the same set of disk density
parameters. A figure-of-merit defined by Eqn. 5
can be obtained for each line considered, i.e. FHα,
FHβ , etc... Therefore, it is possible to search for
the best set of disk parameters that minimizes
the sum of all of the line figures-of-merit i.e. the
global, best-fit model.
For all the line profile matches performed in this
study, the effort was made to fit to the blue peak
of the emission line. When a reasonable fit was
not found for the blue peak, the fit was computed
for the red peak instead.
We will now first discuss the best-fit models for
each line individually, and then consider the best
global model.
5.1. Individual Fits
The best-fit models for all individual lines are
listed in Table 3, and the best synthetic line profile
fits to the individual observed emission lines are
shown in Figure 6. With the freedom to chose
the density model independently for each line, the
observed line profiles can be reproduced quite well
in strength, shape, and equivalent width by the
models.
The best fit for Hα is a 50 R∗, thin disk model
with disk density parameter ρ0 of 3.2 *10
−12 g cm−3
and power law index n of 2.0 seen at at an incli-
nation of 60◦. The observed and synthetic profiles
are compared in Figure 6. The width of Hα at
its base is underestimated, and a better fit might
be possible by refining the viewing inclination,
however, we have not attempted this.
For Hβ, the best match to the observed pro-
file was found for a model with slightly smaller,
thin disk of 25 R∗ seen at 45◦ with disk density
parameter ρ0 of 1.0 ∗ 10−11 g cm−3 and power law
index n of 2. The overall strength and width of
Hβ (including its absorption wings) are well re-
produced by the model. We note that the V/R
asymmetry cannot be reproduced by our assumed
axisymmetric disk models.
At this point, we immediately see that the best-
fit models for Hα and Hβ differ. Nevertheless, it
should be kept in mind that in addition to the
best-fit model, there is a range of other disk mod-
els that fit each profile nearly as well. For example,
there will be N models that fit Hα with a figure
of merit within 25% of the best fit model, and for
Hβ, there will be M such models. We will return
to the question of the number of such models and
how the disk density parameter ranges compare in
Section 6.
For Ca ii λ 8542, the best-fit model to the ob-
served line has an disk density parameter ρ0 of
1.0 *10−10 g cm−3 and power law index n of 2 seen
at 60◦ for a 25 R∗ thin and turbulent disk. We
again note that the width and overall strength of
the line are well reproduced.
For the two Fe ii lines, the figure of merit F was
computed by using only the red half of the line,
i.e. the blue peak was ignored in the fit. The Fe ii
multiplet (42) λ 5169 line requires a disk density
parameter ρ0 of 1.0 *10
−10 g cm−3 and a power
law index n of 3 seen at 45◦ for a 25 R∗ thick and
turbulent disk. The Fe ii multiplet (49) λ 5317 line
requires a model with disk density parameter ρ0 of
1.0 *10−9 g cm−3 and a power law index n of 1.5
seen at 75◦ for a 25 R∗ thick and turbulent disk.
We note that the lines of Ca ii and Fe ii prefer
the turbulent disk model, as these models tend to
produce broader and stronger lines.
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Table 3:: Best-fit model parameters for individual emission lines and the global models with and without
Ca ii.
Emission Line Disk Density ρ0 (g cm
−3) Power Law Index n Inclination i (◦) Disk Radius Rdisk (R∗) Model Type
Hα (6562 A˚) 3.2 *10−12 2.0 60 50 Thin
Hβ (4861 A˚) 1.0 *10−11 2.0 45 25 Thin
Ca ii IR-triplet (8542 A˚) 1.0 *10−10 2.0 60 25 Thin & Turbulent
Fe ii (5169 A˚) 1.0 *10−10 3.0 45 25 Thick & Turbulent
Fe ii (5317 A˚) 1.0 *10−9 1.5 75 25 Thin & Turbulent
Global 1.0 *10−10 2.0 45 50 Thin
Global (w/o Ca ii) 1.0 *10−10 3.0 45 50 Thin & Turbulent
Note.—No best-fit model for He i(λ 6678) absorption line is given, as it is of photospheric origin.
To investigate what range of disk radii con-
tribute to the formation of lines considered, the
cumulative intensity produced by each emission
line was plotted against the radius of the disk for
the models listed in Table 3 as shown in Figure 7.
To do this, a face-on synthetic image (i = 0◦) was
produced using the best-fit disk density model for
each line. For each i = 0◦ image, the intensity was
integrated over the total width of the line. Then,
the integrated intensity out to a disk radius of R
can then be defined as
C(R) = 2pi
∫ R
R∗
I(R′)R′ dR′ , (6)
where I(R) is the wavelength integrated line
intensity at distance R, and R∗ is the stellar ra-
dius, assumed to be the inner edge of the disk.
Then C(R)/C(Rdisk) can be plotted versus R to
determine how the line intensity is accumulated
by the disk. In the Figure 7, a solid black line
shows the cumulative fraction of 0.9. It is im-
portant to keep in mind when looking at this fig-
ure that the disk density model particular to each
transition has been used and not a single disk den-
sity model. This explains, for example, why C=1
is reached at 50 R∗ for Hα, but 25 R∗ for the re-
maining lines. In order to reproduce the strength
of the Hα emission, an extended emission region
is required, reaching 90% of the emission at 40 R∗.
However, 90% of the emission for Ca ii, and Fe ii
(λ 5169) originates from the inner most 10 R∗ of
the disk, and Hβ and Fe ii (λ 5317) are intermedi-
ately reaching 90% complete at ∼20 R∗.
This figure also illustrates how the disk might
be structured in order to produce all the line pro-
files by having the disk’s equatorial density vary
in a more general way than as a single power-law
(see Section 7).
5.2. Global Fits
Given that different disk density models are
required to best-fit each observed profile for
BD+65 1637, the next logical step was to see if
a single disk density model could fit all the lines
in a reasonable (as opposed to optimal) manner.
This will also assist us in deciding how to move for-
ward in looking for a more general density model
that would better describe the structure of the
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disk. To find the single best model, we minimized
the sum of all the individual F , i.e.
F total =
6∑
i=1
wiF
i (7)
where i ranges over the six lines considered. Ini-
tially, we set wi=1 for all i to weigh all six lines
equally. The model that was found to best repro-
duce all the observed line profiles in this manner
is listed in Table 3.
Figure 8 shows all six synthetic emission lines
produced for this model as compared to the ob-
served line profiles. The density parameters are a
power law index n of 2, a disk density parameter ρ0
of 1.0 *10−10 g cm−3 with a 50 R∗, thin disk seen at
45◦. As illustrated in the figure, the Balmer lines
can be reproduced approximately in strength, but
are too narrow at the base; the metal lines are ei-
ther too strong (Fe ii lines) or too weak (Ca ii IR
Triplet) compared to the observed emission lines.
The mismatch of the shape of the Balmer line pro-
files, particularly in the wings, indicates that that
the material is not distributed correctly in the disk
by a single power-law. The synthetic line profile
for Ca ii IR triplet λ 8542 is weaker in strength, as
well as narrower in velocity, than the observed line
profile. It does, however, produce a double-peaked
shape. Both of the synthetic Fe ii line profiles have
approximately the same shape and strength when
compared to each other; however the width of the
wings are different; Fe ii (42) λ 5169 has narrower
spread of velocity in the wings when compared to
Fe ii (49) λ 5317. Both synthetic Fe ii line pro-
files are too strong compared to the observed pro-
files, suggesting that smaller regions may be re-
quired to reproduce the observed line (as seen in
Section 5.1). Finally, He i shows absorption with
some central emission, sometimes called a central
quasi emission (CQE) feature (Hanuschik 1995).
As the star and disk system is seen 45◦, the CQE
can be attributed to the disk which partly blocks
the direct stellar radiation.
Figure 9 illustrates where the intensity is pro-
duced by these lines for this single power law
model by plotting C(R), Equation 6, as a func-
tion of disk radius. It can be seen that in all the
cases, 90% of the emission now is coming from in-
side 40 R∗ (or 1.25 AU). This figure also illustrates
that the Ca ii IR Triplet (λ 8542) is produced in
the innermost 10 R∗ of the disk; the Hβ (λ 4861)
and the Fe ii multiplets (λ 5169 & λ 5317) produce
most of their emission within 20 R∗, and Hα emis-
sion is produced throughout the disk, with 90%
coming from within 40 R∗. Comparison of Fig-
ures 7 and 9 shows that the Ca ii IR triplet forms
in the innermost part of the disk, while Hα forms
throughout the disk. The emission from Hβ and
Fe ii multiplets are intermediate and emerge from
the same region for the global model.
In addition to constraining the density distri-
bution in the disk for a model that is consistent
with the observations, the global model can be
used to give insight to the temperature structure
of the disk. Figure 10 illustrates the temperature
distribution predicted by Bedisk in a thin disk
for a model with a disk density parameter ρ0 of
1.0 ∗ 10−10 g cm−3 and power law index n of 2.
The upper plot illustrates the temperature in the
entire disk, which generally ranges from 5500 K
to 10000 K. The bottom log-log plot shows the
region close to the stellar surface where temper-
atures in the disk can reach as high as 14000 K.
When combined with the density structure, this
provides valuable information on structure of the
inner, gaseous disk. For example, even at 110 R∗,
the coolest temperature predicted in the equato-
rial plane, '5500 K, is still above the dust subli-
mation temperature.
Finally, the disk density parameters can be used
to estimate the total mass of the inner gaseous
disk. The mass is estimated to be 9.3 ∗ 1026 gm
(5.7 ∗ 10−8M∗ or 4.6 ∗ 10−7 M) while the scale
height H of the disk at the stellar surface was es-
timated to be 1.6 ∗ 1010 cm (3.5 ∗ 10−2R∗ or 0.23
R).
It was noticed in the fitting process that the
metal lines, especially the Ca ii IR Triplet, require
a high disk density parameter ρ0 with low value
of the power law index n. Ca ii is generally not
well reproduced by the models which otherwise are
found to work reasonably well for a single power
law. For this reason, we searched for global fits
excluding the Ca ii line by setting wi = 0 for FCa II
in Equation 7. The result can be seen in Figure 11.
The details for this model can be found in Table 3,
and this model is able to reproduce the emission
in the two Fe ii lines reasonably well. The Balmer
lines are not strong enough to match the strength
of the observed profile. However they match well
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when the width of the lines is considered. The
same is the case for He i line. The Ca ii IR triplet
for this model shows hardly any emission, and this
indicates that Ca ii is likely formed in a different
region, while all the other lines can be reasonably
produced by disk with a single power law with
n = 3. The mass of this disk was estimated to be
4.8 ∗ 1025 gm (2.3 ∗ 10−9M∗ or 4.6 ∗ 10−7 M).
In order to illustrate where these lines are
formed in this model which excludes Ca ii, and
if there is any similarity to the previous global
model, Figure 12 was constructed. The plot shows
Hα forming almost throughout the entire disk with
the 90% of emission coming from inside the 30 R∗.
Hβ, Fe ii (λ 5169) and Fe ii (λ 5317) can be seen
forming within 15 R∗. When compared to the pre-
vious global fit model (Figure 9), all the emission
lines except Hα in this model are produced within
half the radius.
Thus, from the all three models considered, it
can be concluded that the Hβ and the metal lines
form in the innermost region of the disk while the
Hα forms in an extended region covering nearly
the entire disk.
5.3. The Near-IR SED
As mentioned in Section 4, Beray can also cal-
culate continuum SEDs of the star+disk system.
In order to assess how comparable these models
are to the available observations, a SED was pro-
duced for the global disk model of Table 3 and
compared to the observed SED for BD+65 1637
found in Hillenbrand et al. (1992). This is illus-
trated in Figure 13. The star’s continuum SED,
i.e. in the absence of a disk, is also shown. As it
can be seen in the figure, the global disk model
produces a brighter SED at longer wavelengths
compared to the observed SED. This suggests a
thinner and less dense disk than those considered
here is required in order to be comparable to the
observed SED. However, it is important to note
that the SED observations were taken more than
16 years prior to the observations of the emission
lines used in the analysis here. Hα has been pre-
viously reported to be variable in EW (-45 A˚ to
-26 A˚) and hence, the comparison of the disks over
a long period of time should be considered with
caution.
6. Uniqueness of Disk Models
As described in the Section 5, the fitting pro-
cedure used the values of the figure of merit F for
all the lines, found by using Equation 7, to build a
set of the global, best-fit models. In Section 5.1, it
was noted that although one model is the best-fit
for each line profile, more than one model can fit
a particular line profile within a certain range of
F . Table 4 gives the number of models for each
emission line that have F < 1.25Fmin (i.e. the top
25% best fits). It can be seen from the table, the
number of models within this range varies from 1
model for Ca ii to 7 models for He i. Figure 14 il-
lustrates where all these models fall in the explored
parameter space of disk density ρ0 and power law
index n. If a single model is found, it is represented
by a point. For two models, a line connecting the
two models is shown on the figure. For three mod-
els, a triangle is used. For more than three models,
an ellipse is shown that encloses most of the mod-
els. For He i, a photospheric feature, the region
that represents the models that reproduce no disk
emission is shown with an arrow. It is important
to keep in mind that this figure represents only
the value of the power law index n and disk den-
sity ρ0; the rest of the parameters for the models
(Rdisk and i) are not distinguished. As the fig-
ure illustrates, some, but not all, of the models
overlap, again illustrating that no common region
is found where all of the lines can be well-fit by
a single power-law model. However, two general
regions on the plot can be separated, one for the
Balmer lines, which require relatively low densities
and another region of higher densities, dominated
by the metal lines Fe ii and Ca ii. This figure con-
firms the earlier observation that the metal lines
require higher densities.
Given that a single model is not able to repro-
duce the observed line profiles, understanding how
different power law indices and disk densities for
the disk affect the overall line strengths is impor-
tant. To this end, the EW for each line as a func-
tion of disk density parameter ρ0 was plotted for
models with a 50 R∗ disk size seen at an inclina-
tion of 45◦. Figures 15 and 16 show the results for
the four disk types considered here: thin, thick,
thin and turbulent, and thick and turbulent. Mod-
els with disk density parameter ρ0 of 10
−13, 10−12,
10−11, 10−10 and 10−9 g cm−3, and power law in-
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dices n of 1, 2, and 3 are shown. In each figure,
the black line indicates the observed EW for that
particular emission line in the CFHT ESPaDOnS
spectrum from 2006.
Even as no single (ρ0,n) combination is able to
match the observed EW of all the lines, some mod-
els match the observed EW for more than one line.
For example, in Figure 15b for a thin and turbu-
lent disk, the EW of two Fe ii lines and He i line
match the observed EW for the disk density ρ0 of
10−10 g cm−3 and power law index n of 3. The
EW of Hα for the same model is very close to the
observed EW. However, the EW of Hβ and Ca ii
(λ 8542) are weaker for the same model when com-
pared to the observations.
In general, the EWs increase with disk density
ρ0 to a maximum value, and then decline as the
lines become saturated while the continuum con-
tinues to increase, weakening the EW. A good ex-
ample of this can be seen for the power law index n
of 1, where a sharp increase to a peak and than de-
cline can be clearly seen for each line. In general,
the maximum EW moves to a higher disk density
ρ0 as the power law index n increases. Also illus-
trated in the plots, the addition of turbulence in-
creases the strength of the lines. The thicker disk
models generally show a large number of models
with EW equal or greater than the observed EW
for all the lines. For example, for a power law
index n of 2, the models with thicker disks show
stronger EWs and a stronger rise in the EW as the
density increases.
Table 4:: Number of models within 25% of the
least value of the figure of merit Fmin ≤ F ≤
1.25Fmin using the global disk density model of
Table 3.
Emission Line Number of Models
Hα 4
Hβ 7
Ca ii (λ 8542) 1
Fe ii (λ 5169) 3
Fe ii (λ 5317) 3
7. Discussion
Good matches for all of the observed individual
emission line profiles for BD+65 1637 have been
found in the large library of synthetic models.
However, the diversity of the models in Table 3,
and the failure to find one global model that fits
all the observed line profiles well, seems to indi-
cate that the density distribution within the inner
gaseous disk of BD+65 1637 cannot be of the sim-
ple form of a single power law (Equation 1) with
power law index n > 0. The differences between
the best-fits for individual lines and global fits sug-
gest that the structure of the disk is more complex
than a single power law. The idea that different
density structure might be at play is supported by
Figure 7 which illustrates how the variations in the
structure of the disk can produce all the emission
lines. In addition, the metal emission lines (Ca ii
and Fe ii) seem to require a denser region for their
formation as compared to the Balmer lines.
The SED of the best-fit, global model overpre-
dicts the near-IR excess compared to the avail-
able observations. However, it is important to
note that SED is very sensitive to the underlying
(assumed) stellar temperature in the optical/NIR,
and hence should be viewed with caution. In gen-
eral, the line modeling serves as a more powerful
tool in inferring the structure of gaseous disk found
close to the star. The comparison between the ob-
served and computed SED was performed merely
as a byproduct of the line modeling study per-
formed here, and perhaps most importantly, the
SED and line spectra observations are separated
by 16 years.
A general trend was noticed while manually
searching for the best-fit to the line profiles that
the metal lines required higher densities compared
to the Balmer lines in order to reproduce the ob-
served line profiles. The addition of turbulence to
these models made the lines stronger and broader.
Finally, the analysis of observed and synthetic
line profiles and their fits suggest that BD+65 1637
is seen at an angle between 45◦ and 60◦.
Decretion disks around Classical Be stars are
generally modeled with a single power law for
the density structure, as mentioned in Section 4
and Sigut & Jones (2007). When hydrodynamic
models are used, a more complex density structure
is predicted (Carciofi 2011). As shown by the cur-
16
rent work, HAeBe stars do not seem to follow a
single power law for their disk structure, perhaps
as expected. Thus, a disk with density described
by several different power laws in different radial
zones might be able to provide a better global fit
to all the lines considered. Finally, we assumed
that the disk extends all the way to stellar pho-
tosphere, so another possible area of exploration
would be to have the disk start further away from
star. If the star isn’t actively accreting, or has spo-
radic events of accretion, the disk may not extend
all the way to the star. Many recent studies such
as Vink (2015); Vink et al. (2005) have suggested
that it may be possible to constrain the presence
of such an inner hole radius using polarimetry.
8. Conclusions
This study of inner gaseous disk of the Herbig
B2e star, BD+65 1637, by modeling the optical
and near-infrared emission lines, has led to three
key findings:
• All of the observed emission lines considered
in this study can be reproduced with models
that use photoionizing radiation of the cen-
tral star as the sole energy source for the
disk.
• Despite being able to reproduce the observed
emission lines individually, no model based
on a single power law for the equatorial den-
sity was able to reproduce all of the emission
lines simultaneously. More complex density
models are required to generate a consistent
disk structure for this star.
• The metal lines (Ca ii, Fe ii) require higher
densities when compared to the Balmer
lines.
In addition to testing more general disk density
models, and investigating the effect of an inner
hole in the disk, we have three more B2-type stars
and four B0-type stars in the database (Alecian et
al. 2013). Applying the same modeling technique
as in this work, we hope to further understand the
overall geometry and structure of the disks around
early-type HBe stars. For the next paper in this
series, the B2-type stars, HD 76534, HD 216629
and HD 114981 will be analyzed.
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Fig. 6.— The best-fit for each line synthetic line profile (red) for the observed emission line (blue) of Hα
(λ 6562), Hβ (λ 4861), Ca ii IR Triplet (λ 8542), Fe ii multiplet (42) (λ 5169) and Fe ii multiplet (49) (λ 5317)
and He i (λ 6678) for BD+65 1637, which were modeled using Beray. The fit parameters for each model
can be found in Table 3, with the exception of He i as it is fit by a photospheric profile.
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Fig. 7.— The cumulative line emission (Equation 6) as a function of distance from the star for each individual
line using the best-fit disk density model. The model parameters that produced each individual line can be
found in Table 3. The black dashed line represents a cumulative emission fraction of 0.9.
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Fig. 9.— The cumulative line emission (Equation 6) as a function of distance from the star for each individual
line using the global disk density model. The global model parameters can be found in Table 3. The black
dashed line represents from where the 90% of the emission is coming from.
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Fig. 10.— Temperature distribution in the disk for a model with disk density parameter ρ0 of 1.0 ∗
10−10 g cm−3 and power law index n of 2. On the top, the plot illustrates the temperature structure in
the entire disk, while at the bottom, in a log-log plot, the temperature distribution in the region close to the
stellar surface is illustrated. A colorbar giving the temperature scale (in K) is to the right of each plot.
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Fig. 11.— The global best-fit for the model that generates reasonable emission for all lines except Ca ii IR
Triplet (λ 8542) when compared to the observed spectral lines (blue). The global model used can be found
in Table 3 (on the line “w/o Ca ii”).
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(a) Thick disk model
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(b) Thick & Turbulent disk model
Fig. 16.— Equivalent width (A˚) of each individual line as a function of density (log(ρ0)) for three different
power law indices n for models of radius 50 R∗ seen at 45◦ inclination angle. The solid black line in each
panel indicates the respective observed equivalent width.
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